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ABSTRACT
Non-axisymmetric features are found in the core collapse of a rapidly rotating massive star,
which might have important implications for magnetic field amplification and production of
a bipolar outflow that can explode the star, as well as for r-process nucleosynthesis and na-
tal kicks. The collapse of an evolved rapidly rotating MZAMS = 54M⊙ star is followed in
three-dimensional hydrodynamic simulations using the FLASH code with neutrino leakage. A
rotating proto-neutron star (PNS) forms with a non-zero linear velocity. This can contribute to
the natal kick of the remnant compact object. The PNS is surrounded by a turbulent medium,
where high shearing is likely to amplify magnetic fields, which in turn can drive a bipolar
outflow. Neutron-rich material in the PNS vicinity might induce strong r-process nucleosyn-
thesis. The rapidly rotating PNS possesses a rotational energy of Erot & 10
52 erg. Magnetar
formation proceeding in a similar fashion will be able to deposit a portion of this energy later
on in the SN ejecta through a spin down mechanism. These processes can be important for
rare supernovae generated by rapidly rotating progenitors, even though a complete explosion
is not simulated in the present study.
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1 INTRODUCTION
Most core-collapse supernovae (CCSNe) are observed to have
explosion energies around Eexpl ≈ 1051 erg ≡ 1 foe (e.g.,
Kasen & Woosley 2009; Drout et al. 2011). In recent years, sev-
eral superluminous supernovae (SLSNe) have been observed (e.g.,
Quimby et al. 2011, 2013; Gal-Yam 2012; Prajs et al. 2017). Some
of these are Type IIn SNe, and their extreme luminosity is gen-
erally attributed to the collision of the ejecta with circumstellar
material (e.g., Ofek et al. 2007; Rest et al. 2011) ejected in a pre-
explosion outburst (PEO). The physical mechanism and the relative
rarity of PEOs are yet to be fully understood (for recent ideas see
Quataert & Shiode 2012; Shiode & Quataert 2014; Mcley & Soker
2014; Soker & Gilkis 2017).
The case of hydrogen-poor SLSNe (Type I SLSNe, or
SLSNe-I) is more complicated, with extreme examples such as
SN 2010ay (Sanders et al. 2012) and ASASSN-15lh (Dong et al.
2016). A variety of proposed mechanisms includes interac-
tion with pre-explosion ejecta from pulsational pair-instability
(Chatzopoulos & Wheeler 2012), injection of energy from a mil-
lisecond magnetar (e.g., Kasen & Bildsten 2010; Inserra et al.
2013; Kasen et al. 2016; Sukhbold & Woosley 2016), the transition
of a neutron star (NS) into a quark star (quark novae; Ouyed et al.
2015, 2016) and energy deposition by bipolar jets (Gilkis et al.
2016). A combination of circumstellar interaction and magnetar
spin-down has been proposed as well (Chatzopoulos et al. 2016),
and magnetar birth can also be accompanied by jets (Soker 2016).
Long-duration gamma-ray bursts (LGRBs) are clearly
associated with broad-lined Type Ic SNe (Galama 1998;
Woosley & Bloom 2006; Modjaz et al. 2008), and indirectly con-
nected to SLSNe-I through the properties of their host galax-
ies, cluing into the operating mechanism of these transients. The
hosts of these types of transients are low-luminosity and low-
metallicity galaxies with high star formation rates (Lunnan et al.
2014), although some differences are observed (Leloudas et al.
2015; Angus et al. 2016). It is suggested that there is a com-
mon process leading to these separate phenomena. Metzger et al.
(2015), for example, suggest that magnetars are the powering
mechanism in both SLSNe-I and LGRBs (see also Yu et al. 2017).
Another possibility is that jets launched from an accretion disc
around a compact object power these events (Woosley 1993;
Milosavljevic´ et al. 2012; Dexter & Kasen 2013).
The mechanisms mentioned above call for a rapid rotation of
the progenitor star, and it is important to understand how this can
be accommodated by the evolution of massive stars (see review by
Langer 2012). The rarity of SLSNe-I and LGRBs is compatible
with the requirement for high rotation, as stellar evolution models
predict that massive stars will lose most of their angular momen-
tum (Meynet & Maeder 2000). Specific binary interactions (e.g.,
Izzard et al. 2004; Podsiadlowski et al. 2004; Fryer & Heger 2005;
Cantiello et al. 2007; Yoon et al. 2010; de Mink et al. 2013) or
chemically homogeneous stellar evolution (Yoon & Langer 2005;
Woosley & Heger 2006; Martins et al. 2013; Mandel & de Mink
2016; Song et al. 2016) are required to supply the high rotation
needed for extreme explosion scenarios.
Recent three-dimensional hydrodynamic core-collapse sim-
ulations of rotating stars have yielded intriguing results.
Nakamura et al. (2014) and Takiwaki et al. (2016) showed a pre-
ferred explosion direction perpendicular to the rotation axis.
Mo¨sta et al. (2014) preformed three-dimensional magnetorota-
tional simulations of core collapse, finding a phenomenon of
magnetically-inflated asymmetric lobes. Other studies focused on
the properties of gravitational waves expected from the collapse of
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a rotating star (Ott et al. 2007; Kuroda et al. 2014). Iwakami et al.
(2009) imposed rotation after core collapse, and their findings sug-
gest that rotation can affect the standing accretion-shock instabil-
ity (SASI; e.g., Blondin et al. 2003; Blondin & Mezzacappa 2007;
Ferna´ndez 2010).
To advance the understanding of the possible origin and mech-
anism of SLSNe-I, atypical progenitor stars should be considered,
such as those with extremely rapid rotation rates, or very high mass.
In the present study I explore the properties of the post-collapse
flow in a very massive rapidly rotating star. Three-dimensional hy-
drodynamic simulation of the stellar collapse are performed, in-
cluding deleptonization and a neutrino leakage scheme for heating
and cooling. For comparison, a slowly rotating case is simulated
as well. In section 2 I describe the numerical setup and method.
The flow structure of the collapse and implications for CCSNe are
presented in section 3. I summarize in section 4.
2 NUMERICAL SETUP
2.1 Progenitor modeling
A stellar model constructed by Modules for Experiments in Stellar
Astrophysics (MESA version 7624; Paxton et al. 2011, 2013, 2015)
is used, with an initial mass of MZAMS = 54M⊙ and metallic-
ity of Z = 0.014. Due to stellar winds calculated here with the
so-called ‘Dutch’ scheme (e.g., Nugis & Lamers 2000; Vink et al.
2001) the final mass is 20.5M⊙. The choice of an atypically high
initial mass is motivated by the pursuit of models for rare highly-
energetic events. The study of rapidly rotating CCSN progenitor
stars of lower masses is deferred to a future paper.
The initial rotation is 0.55 of the breakup value, which cor-
responds to a surface rotation velocity of vZAMS = 360 km s
−1.
Magnetic braking by the Spruit-Tayler dynamo (Spruit 2002) is ne-
glected, effectively resulting in a high core rotation which might
not be expected in a single-star model. The pre-collapse core rota-
tion is rather insensitive to the initial rotation rate, and the decisive
factor is the Spruit-Tayler dynamo (see Appendix A). At this stage,
the star is a Wolf-Rayet star, with an effective surface temperature
of T = 2.4 × 105K, photospheric radius of R = 0.55R⊙ and
luminosity of L = 9× 105L⊙.
A second stellar model is evolved with magnetic braking in-
cluded. The inclusion of magnetic braking results in a core rota-
tion lower by almost two orders of magnitude (Fig. 1). The stel-
lar model which includes magnetic braking has a pre-collapse to-
tal rotational kinetic energy of Erot,slow = 2.07 × 1046 erg. For
the case where magnetic braking was not included, the total rota-
tional kinetic energy is Erot,fast = 1.58 × 1050 erg. The iron core
of the fast rotator has a mass of Miron,fast ≈ 2M⊙ (almost the
same as with magnetic braking) and rotational kinetic energy of
Erot,iron,fast = 1.07 × 1050 erg – a significant fraction of the en-
tire rotational energy of the stellar model. The high initial rotation
rate considerably affects the stellar evolution, even while on the
main sequence (MS), compared with a modelled star of the same
initial mass and composition but no rotation at all (this model is
not presented here). The differences between the two rotating mod-
els, differing by the process of magnetic braking, are much less
pronounced and start to appear only at late post-MS evolutionary
stages. The detailed composition of the stellar models is shown in
Fig. 2, and the main parameters of the two models are summarized
in Table 1.
The stellar models are followed until a core of iron-group el-
ements forms, and then the core becomes unstable and starts to
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Figure 1. Comparing angular velocity of two stellar models with same ini-
tial conditions, just before core collapse, where in one model magnetic brak-
ing is included and in the other it is neglected. r is the shell radius (distance
from the centre of the star), and Ω is assumed constant within each shell.
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Figure 2. Detailed composition for the stellar models just before core col-
lapse (when the maximal inward velocity reaches v = 1000 km s−1) of a
rotatingMZAMS = 54M⊙ star with metallicity of Z = 0.014, with mag-
netic braking neglected (top), or included (bottom). The stellar parameters
at this stage are detailed in Table 1.
MNRAS 000, 1–11 (2017)
Core collapse of rotating massive star 3
Table 1. Properties of the stellar models just before core collapse.
Spruit dynamo included neglected
Luminosity [L⊙] 9.3× 105 9.1× 105
Effective surface temperature [K] 2.5× 105 2.4× 105
Total mass [M⊙] 20.3 20.5
Photosphere radius [R⊙] 0.5 0.55
Iron core mass [M⊙] 2.01 1.96
Iron core radius [km] 2187 1858
collapse. The MESA evolution is terminated when the maximal in-
fall velocity reaches v = 1000 km s−1. At this stage the one-
dimensional profile is mapped into the three-dimensional grid of a
hydrodynamic simulation, described in the next section.
2.2 Hydrodynamic simulations
The non-relativistic hydrodynamic equations are solved with ver-
sion 4.3 of the widely used code FLASH (Fryxell et al. 2000), em-
ploying a Cartesian grid for three-dimensional simulations. New-
tonian self-gravity is included employing the spherical multipole
approximation of Couch et al. (2013) for solving Poisson’s equa-
tion, with a multipole cutoff of lmax = 16. The equation of state
of Lattimer & Swesty (1991) is employed with incompressibility
parameter ofK = 220 MeV.
The density (ρ), temperature (T ), electron fraction (Ye) and ra-
dial velocity (vr) of the one-dimensional MESA profile are mapped
into the three-dimensional grid. The small deformations of the one-
dimensional shells due to rotation are neglected, so that the initial
profiles of ρ, T , and Ye are spherically symmetric. A non-radial ve-
locity component is added according to the angular velocity (Fig.
1), with a constant angular velocity for each radial location, Ω(r).
The added velocity component in the plane perpendicular to the
rotation axis (the xz plane) is then vxz =
√
x2 + z2Ω(r).
The three-dimensional simulation domain is a cube with edge
length of 12000 km centred around the star. The mass enclosed in
this domain is about 3M⊙, out of the total stellar mass of 20.5M⊙ .
For studying the early time post-bounce flow dynamics this is suf-
ficient. With nine levels of adaptive mesh refinement the finest res-
olution of the grid is 1.95 km.
2.3 Neutrino physics
Deleptonization of the core, approximate treatment of neutrino
transport by a leakage scheme and heating by neutrinos are
treated according to the methods of O’Connor & Ott (2010). The
usage in the FLASH code is the implementation described in
Couch & O’Connor (2014), and here only the main aspects are re-
peated.
Up until bounce, defined as the first time when the maximal
density exceeds 2× 1014 g cm−3 and the maximal entropy per nu-
cleon is above 3kB, core deleptonization is according to a fit of the
electron fraction as function of density from the 1D simulations of
Liebendo¨rfer (2005). As hypothesized by Liebendo¨rfer (2005), the
application of the scheme to cases of fast rotation (as in the present
study) should be a reasonable approximation, although this should
be checked in the future. After core bounce, further deleptonization
is according to the leakage scheme.
The leakage scheme interpolates between the optically thick
and the optically thin regimes, where in the former neutrinos ‘leak’
out on a diffusion timescale, and immediately in the latter. Effec-
tive lepton and energy emission rates are obtained by interpolating
between the diffusion rate and ‘free’ emission rate. The diffusion
rates require a calculation of the local optical depth. This is done
on a spherical grid of radial rays, where the computation of the op-
tical depth by radial integration from infinity is simple, and then
interpolated back to the Cartesian grid of the hydrodynamic sim-
ulation. The spherical grid has 37 polar divisions (from θ = 0 to
θ = pi, where θ is the angle relative to the rotation axis y) and 75
azimuthal divisions (from φ = 0 to φ = 2pi, where φ is the angle
from the x axis in the xz plane). Each ray consists of 1000 ra-
dial zones. The radial rays are uniformly spaced from r = 0.5 km
up to r = 150 km, followed by a logarithmic distribution up to
r = 3000 km (where the stellar matter is virtually transparent to
neutrinos).
Local neutrino heating is according to equation (2) of
Couch & O’Connor (2014), which depends on the local nucleon
number density, the mean squared energy of the neutrinos at the
neutrinosphere, and the neutrino flux integrated along a ray from
the centre (including flux reduction by heating along the way). This
heating is then subtracted from the neutrino flux, affecting regions
farther out along the radial ray. The interactions taken into account
in the portrayed scheme are the following. For the free emission the
included interactions are electron and positron capture on protons
and neutrons, respectively, as well as thermal processes. The opac-
ity calculations include absorption of electron neutrinos on neu-
trons and electron antineutrinos on protons, and elastic scattering of
all flavors of neutrinos on protons and neutrons. Finally, charged-
current heating by absorption of electron neutrinos on neutrons and
antineutrinos on protons is included. These reactions are the most
relevant, although processes of lesser importance such as neutrino-
electron scattering can also have an influence (e.g., Lentz et al.
2012), such as reduction of the average neutrino energy and ac-
cordingly the opacity to neutrinos. Further details of the emplyed
neutrino physics can be found in O’Connor & Ott (2010), Ott et al.
(2013) and Couch & O’Connor (2014), and references therein.
3 RESULTS
3.1 Flow structure
The two simulations were run in FLASH for 600 ms, correspond-
ing to a final post-bounce time of tpb = 384 ms for the fast ro-
tator model, and tpb = 323 ms for the slow rotator. The main
features of interest found for the fast rotator model are not seen in
the slow rotator, and the slow rotator behaves in a qualitatively sim-
ilar fashion to a non-rotating progenitor, forming an approximately
spherical stalled accretion shock for a time of & 150 ms. As there
are extensive detailed studies of non-rotating core collapse with a
more accurate description of neutrino physics and higher resolu-
tion (e.g., Lentz et al. 2015; Melson et al. 2015; Kuroda et al. 2016;
Roberts et al. 2016 for recent works; Janka 2012, Janka et al. 2016
and Mu¨ller 2016 for reviews), this will not be the focus of this pa-
per.
Fig. 3 shows the properties of the flow structure at two times
after core bounce for the rapidly rotating model, tpb = 104 ms
and tpb = 224 ms. A torus-like dense region is clearly seen sur-
rounding the oblate proto-neutron star (PNS). Above and below the
PNS are high-entropy turbulent regions. When the two ‘polar holes’
(one at each side of the equatorial plane) in the torus are closed, the
shock waves produce high-entropy regions near the rotation axis.
MNRAS 000, 1–11 (2017)
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Figure 3. Density (left) and entropy (right) colour maps in the xy plane, where y is the axis of rotation. The density colour coding runs from ρ = 106 g cm−3
to ρ = 1014 g cm−3. Thick purple contours superimposed on the density colour maps indicate the neutrinosphere at the presented simulation times, where
the optical depth of electron neutrinos is τνe = 2/3. Entropy is shown in units of kB per nucleon. The presented times are tpb = 104 ms (top panels) and
tpb = 224 ms (bottom panels).
As the PNS is oblate, the neutrino emission is anisotropic, and
the neutrinosphere is accordingly not spherical. This introduces a
difficulty with the employment of radial rays for the neutrino trans-
port, as the neutrinosphere morphology obviously implies that there
should be significant non-radial neutrino propagation. Future stud-
ies will have to address this with better treatment of the neutrino
physics.
Fig. 4 shows the radial velocity in the equatorial plane of the
star. At the earlier time shown, a spiral pattern is seen, and at the
later time ripples of inward and outward radial velocity surround
the central region. These phenomena are strongly influenced by the
self-gravity of the gas. The ratio between the gravitational time,
defined as tG = (Gρ)
−1/2
, to the dynamical time tdyn = r/cs,
is very close to unity up to around r ≈ 150 − 200 km near the
equatorial plane. This is the region in which the spiral pattern and
ripples are seen. Spiral patterns forming in the collapse of a rotating
massive star have been reported also by Takiwaki et al. (2016), and
have been suggested to drive circular polarizations of gravitational
waves emitted from CCSNe (Hayama et al. 2016).
At the end of the simulation, the outer regions of the star still
experiences ongoing collapse, while an outgoing shock wave is
propagating in the inner part. Fig. 5 shows the calculated shock ra-
dius evolution. While an outgoing shock is seen for both models at
MNRAS 000, 1–11 (2017)
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Figure 4. Radial velocity in the equatorial (xz) plane of the star at two times
after core bounce, tpb = 104 ms (top), and tpb = 224 ms (bottom). The
colour coding runs from in-fall of vr = −9000 km s−1 (blue) to outflow
of vr = 9000 km s−1 (red). The effective PNS radius calculated from its
volume is reff,PNS ≈ 75 km, but as the PNS is highly oblate, the radius
of its cross section in the xz plane is req,PNS ≈ 100 km. The equatorial
Keplerian velocity at its surface is rKep,PNS ≈ 47500 km s
−1.
the end of the simulation, the diagnostic energy1 isEdiag ≃ 0.9 foe
and Ediag ≃ 0.02 foe for the rapidly- and slowly rotating pro-
genitors, respectively. The binding energy2 of the outer shells is
Ebind ≈ 3 foe, somewhat higher than the diagnostic energy of
1 ‘Diagnostic energy’ is defined here as the sum of kinetic, internal and
gravitational energy for regions where the energy sum and the radial veloc-
ity are both positive.
2 The gravitational binding energy is computed as the absolute value of
integrating Egrav + Eint from Ebind = 0 at the surface, inwards.
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Figure 5. Shock radius calculated from the volume contained within the
surface on which the entropy per nucleon is 6kB, as function of time after
core bounce for the rapidly rotating progenitor (pluses) and for the slow
rotator (circles).
the rapidly rotating model (although a longer simulation time is
needed for a conclusive comparison), and significantly larger than
the slowly rotating case (note that this is resolution sensitive; see
Appendix B). This can be interpreted as a failure to explode the star,
though not definitively. Still, key physical ingredients not taken into
account in the simulation – magnetic fields and their amplification
– might help bring about a successful CCSN. I elaborate on the
possible explosion and its attributes in the next sections.
3.2 Implications for magnetic activity
The velocity perpendicular to the meridional plane and its deriva-
tive within this plane with respect to the direction perpendicular
to the initial rotation axis are presented in Fig. 6 for a time of
tpb = 104 ms. In Fig. 6 the meridional plane is taken to be the
xy plane, such that the velocity presented is in the z direction , vz ,
and the derivative shown is ∂vz
∂x
. This illustrates the strong shearing
present in the turbulent flow. The regions of highest shearing are in
the high entropy regions above and below the equatorial plane (Fig.
3). The shearing reaches quantitative values of ∂vz
∂x
≈ 2000 s−1.
For comparison, the Keplerian velocity divided by the distance
from the rotation axis is of an order of magnitude lower.
Mo¨sta et al. (2015) have shown that turbulent shearing around
a rapidly rotating PNS can facilitate fast growth of magnetic fields
through the magnetorotational instability (see also Sawai et al.
2013). The amplified magnetic fields might then launch jets which
can explode the star. I suggest that the flow structure seen in the
simulation of a rapidly rotating progenitor reported here is likewise
favorable for a jet-driven explosion. This will have to be confirmed
by magnetohydrodynamic simulations, which Mo¨sta et al. (2015)
show require extremely high resolution (see also Masada et al.
2015; Rembiasz et al. 2016).
It is important to note that the rapidly rotating model studied
here is evolved without taking into account the effect of magnetic
fields on the core rotation rate (see Appendix A). This is incon-
sistent with the requirement of a seed magnetic field to be am-
plified for the generation of jet outflows. The focus of this work,
though, is the collapse dynamics of a rapidly rotating massive stel-
lar core. A fully self-consistent model will have to allow for the
formation of a rapidly rotating pre-collapse core in the presence
MNRAS 000, 1–11 (2017)
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Figure 6. Top: Velocity perpendicular to the xy plane at tpb = 104 ms.
There is a general counterclockwise rotation – blue hues represent material
flow outwards from the paper, and red hues represent an inward motion
(the z axis points outwards from the paper). Bottom: Derivative in the x
direction of the velocity shown in the top panel, i.e., ∂vz
∂x
in units of s−1
and a scale given by the colour bar.
of magnetic fields, and will be explored in a future study. Suffi-
ciently rapid core rotation is expected for very low metallicity sin-
gle stars (e.g., Yoon et al. 2006) or through binary interactions (e.g.,
Cantiello et al. 2007).
3.3 PNS formation
The PNS is defined as the region in the simulation where the ma-
terial density is above 1011 g cm−3 (this definition is common in
other works, e.g., Nakamura et al. 2014). The total mass, momen-
tum, angular momentum, and moment of inertia of the PNS are
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Figure 7. Average velocity of the PNS, defined as the region where the
density is ρ > 1011 g cm−3, as function of time after core bounce for the
rapidly rotating progenitor (pluses) and for the slow rotator (circles).
calculated after core bounce for the simulation of a rapidly rotating
progenitor, as well as for the slow rotator. The derived linear veloc-
ity is shown in Fig. 7, and the total mass and effective radius are
presented in Fig. 8.
The slow rotator acquires a very low velocity, of v .
30 km s−1. For the rapidly rotating progenitor the picture is differ-
ent. The x and z components of the velocity (in the plane perpen-
dicular to the axis of rotation) of the fast rotator are highly variable,
fluctuating in a range of above 100 km s−1. At the end of the sim-
ulation, the PNS velocity in the xz plane is vxz ≈ 360 km s−1.
The y component of the velocity is somewhat less variable. Al-
though the fluctuations are large, there is no monotonous growth
in the linear velocity, and it is difficult to deduce the final kick ve-
locity without a full explosion simulation. Still, due to their large
amplitude, these fluctuations merit discussion.
At the end of the simulations, the mass of the PNS for the
slowly rotating case exceedsMPNS & 2.4M⊙, and is still growing.
It is likely that BH formation is inevitable. For the rapid rotator the
final PNS mass in the simulation isMPNS ≈ 1.7M⊙ . If the accre-
tion is not stopped by an explosion, the PNS will continue to grow
in mass, and its kick velocity will decrease. Eventually it will col-
lapse into a BHwith low or zero kick velocity. If, however, a bipolar
outflow drives a successful explosion as suggested in section 3.2,
the PNS will retain its high velocity. The final kick velocity of the
remnant depends on the stage at which the explosion occurs, as
well as the efficiency of expelling material, and in this manner the
kick velocity depends on the mass of the ejecta (Bray & Eldridge
2016). An inefficient feedback will result in continued accretion
and the formation of a BH, although a higher energy SN might be
the result (Gilkis et al. 2016). Still, at some point accretion onto the
PNS (or BH) will stop, and a BH or NS with non-zero natal kick
will emerge from the explosion. Non-zero BH kicks are favoured
by some recent studies (e.g., Repetto et al. 2012).
As seen in Fig. 7, the kick velocity components in the equa-
torial plane are larger than in the direction of the rotation axis.
The turbulent nature of the gas flow from which jets are conjec-
tured to be driven might cause asymmetric mass ejection, further
enhancing the kick velocity with an additional component in the y
axis by the mechanism proposed by Janka (2013). An analysis by
MNRAS 000, 1–11 (2017)
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Figure 8. Top: Baryonic PNS mass as function of time after core bounce
for the rapidly rotating progenitor (pluses) and for the slow rotator (cir-
cles), where the PNS is defined as the region where the density is ρ >
1011 g cm−3. Bottom: PNS effective radius (piR3
PNS
= 0.75VPNS, where
VPNS is the PNS volume).
Repetto & Nelemans (2015) suggests that at least some BHs form
with relatively high natal kicks (see also Mandel 2016).
Fig. 9 shows the derived spin period and rotational kinetic en-
ergy of the PNS. The rotation period of the PNS for the rapidly
rotating case is PPNS ≈ 10 ms just after core bounce, and de-
creases to PPNS ≈ 5 ms by the end of the simulation. The total
rotational kinetic energy grows from Erot ≈ 5 × 1051 erg at very
early times after bounce to Erot ≈ 3 × 1052 erg near the end
of the simulation. This is more than the energy required by some
magnetar-driven models for SLSNe (e.g., Chen et al. 2016). The
PNS in the present simulation is perhaps similar to an early stage
in the formation of a millisecond magnetar which can later spin
down and supply additional energy to the SN. The details of the
spin evolution are important for the energy available frommagnetar
spin down, and the initial asphericity of the PNS can produce grav-
itational waves (e.g., Camelio et al. 2016; Moriya & Tauris 2016).
Still, for a magnetar to be relevant a successful SN explosion must
first take place, otherwise the PNS will collapse into a BH early
on. This is in accordance to the proposal of Soker (2016) that jets
accompany the formation of a magnetar.
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Figure 9. Top: Rotational kinetic energy of the PNS as function of time
after core bounce for the rapidly rotating progenitor (pluses) and for the
slow rotator (circles). The energy of the slow rotator is multiplied by 103
for the presentation. Bottom: PNS spin period, where for the purpose of
presentation the slow rotator period is multiplied by 0.1 .
3.4 Neutron-rich disc
Fig. 10 shows the thick neutron-rich disc that forms around the
PNS, where the electron to nucleon ratio, Ye, is relatively low. This
is due to the increased weak interactions in regions of higher den-
sity (Fig. 3). In a thick disc-like structure with a height of several
tens of kilometers, containing a mass of approximately 0.3M⊙ , this
ratio reaches values of Ye < 0.1. Kohri et al. (2005) have previ-
ously suggested that rapid neutron capture (r-process) nucleosyn-
thesis might take place due to winds from a neutron-rich disc, in the
context of a wind-driven CCSN. If a successful explosion follows
the collapse described in the simulation, as suggested in section 3.2,
r-process elements will be ejected into the interstellar medium.
Many uncertainties still remain regarding the sites of r-process
nucleosynthesis (Thielemann et al. 2011). This is in particular the
case for the sites of strong r-process nucleosynthesis, where el-
ements of atomic weight A > 130 are formed. According to
Wehmeyer et al. (2015), observed r-process elements are compati-
ble with a combined origin of CCSNe from rapidly rotating pro-
genitors (e.g., Winteler et al. 2012; Nishimura et al. 2015, 2017)
and NS mergers (e.g., Goriely et al. 2011; Hotokezaka et al. 2015;
Wu et al. 2016). Further theoretical understanding will help in as-
sessing the relative importance of these two types of events, with
the aid of observations such as the presence of heavy elements in
stars of old dwarf galaxies (Ji et al. 2016). Papish et al. (2015) fur-
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Figure 10. Colour map of electron fraction (Ye) in the xy plane at a post-
bounce time of tpb = 224 ms. The colour coding runs from Ye = 0.05
(dark) to Ye = 0.45 (light).
ther raised the possibility that the strong r-process takes place in
jets from a NS companion orbiting inside the core of a giant star.
The simulation results reported in the present study strengthen the
possible role of rotationally dominated CCSNe in strong r-process
nucleosynthesis. Simulations of the long-term post-collapse evolu-
tion for numerous stellar models together with detailed nucleosyn-
thesis calculations are needed to ascertain the amount of ejected
material, its composition, and the importance for Galactic chemical
evolution. The extensive study of this issue is deferred to a future
dedicated paper.
4 DISCUSSION AND SUMMARY
I have presented a study of important non-axisymmetric features
in the collapse of a rapidly rotating massive star, using the hy-
drodynamic code FLASH. I have used a rapidly rotating progenitor
star evolved with MESA excluding magnetic braking. This allowed
for the straightforward comparison to a slowly rotating case just
by incorporation of the Spruit dynamo. The outstanding shortcom-
ings of the present study are the approximate treatment of neutrino
transport, the simulation resolution, and the somewhat artificial ap-
proach of realizing a high pre-collapse rotation rate. Future studies
will address these issues, and consider more realistic progenitors
resulting from binary interactions.
Massive stars with high core rotation rates, as in the progeni-
tor model used in this study, might be relatively rare as they need
strong binary interaction to acquire their angular momentum. The
collapse and possible explosion of such stars can still be signifi-
cant in explaining some observed phenomena. A prolonged bipolar
outflow, as suggested in section 3.2, can function as the engine of
extremely energetic SNe. This agrees with the elongated morphol-
ogy implied by recent observations (Inserra et al. 2016). Asymmet-
ric momentum distribution (section 3.3) can give birth to BHs with
significant natal kicks. The neutron-rich disc discussed in section
3.4 can induce strong r-process nucleosynthesis of heavy elements.
A rapidly rotating strongly magnetized PNS formed in a sim-
ilar way to the presented simulation can be an early-stage millisec-
ond magnetar, which might later deposit a large amount of energy
in the SN ejecta during its spin-down. First, an explosion must take
place. For progenitors which are very tightly bound gravitationally,
an explosion is unlikely to be driven by the neutrino flux alone,
whereas a jet-driven SN might be more promising. Estimating the
quantitative energy contributions of the jets and the magnetar re-
quires further study, yet it seems the energy available should suffice
for SLSNe. I suggest that Type I SLSNe result from flow dynamics
qualitatively similar to the presented simulation, and also contribute
to the production of strong r-process elements.
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APPENDIX A: EFFECT OF MAGNETIC BRAKING ON
THE PRE-COLLAPSE CORE ROTATION RATE
The stellar models used for the present study are taken from a mod-
erately broad set of models evolved in the same approach, with
different initial conditions. The models vary in their initial mass,
from 12M⊙ to 90M⊙, with logarithmic spacing. The initial rota-
tion rates are taken between 10% and 90% of the breakup velocity.
Fig. A1 succinctly summarizes this set of models, showing
just the specific angular momentum at the outer edge of the iron
core. The value of the specific angular momentum at the core edge
is mostly concentrated in the range 1014 cm2 s−1 . jiron .
1015 cm2 s−1 for models where the Spruit dynamo is taken into
account, and 1016 cm2 s−1 . jiron . 10
17 cm2 s−1 when the
dynamo is neglected. It is clearly seen that disregarding magnetic
braking results in far higher core rotation rates. This is in agreement
with the results of Heger et al. (2005), for a wider range of initial
parameters. Moreover, the value of the specific angular momentum
at the core edge is for the most part unaffected by the initial mass
and the initial rotation rate.
APPENDIX B: SIMULATIONS AT HIGHER
RESOLUTIONS
Additional simulations were run to check the sensitivity to the grid
resolution, with finest resolutions refined by factors of 0.75, 0.6 and
0.5. The simulations of the slowly rotating progenitor were all run
for 600 ms. Fig. B1 show the flow structure at the end of the sim-
ulation, for two simulations of the slowly rotating progenitor, with
finest resolutions of 1.95 km and 0.98 km. The expansion of the
high-entropy region is greatly increased for the refined simulation,
as shown also in Fig. B2.
Higher resolution seems to increase the diagnostic energy as
MNRAS 000, 1–11 (2017)
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Figure A1. The specific angular momentum at the outer edge of the iron
core, for 98 stellar models. The models differ by their initial mass, initial
rotation rate, and inclusion of the Spruit dynamo. Red circles denote the
models used in the present study.
well, with the refined simulation reachingEdiag ≃ 1.1 foe. The de-
rived kick is accordingly stronger (Fig. B3), but still lower than the
highest values obtained in the nominal rapidly rotating simulation.
The other PNS parameters are mostly insensitive to the simulation
resolution (Fig. B4), although there are a few differences. For ex-
ample, the PNS becomes distinctly more compact with increased
refinement, with the rotation period decreasing accordingly (simi-
lar to its correlation with decreasing radius). The particular numer-
ical details which cause this change with resolution are unclear,
although it is evident that the effects of resolution must be checked
for such calculations.
The details of the neutrino heating are presented in Fig. B5.
The average neutrino energy increases for the more refined simu-
lations, corresponding to the more contracted PNS. The neutrino
luminosity also shows a clear sequence, increasing with resolution
refinement, up until tpb . 200 ms. The sequence is then broken,
as the contribution of accreting matter vanishes.
Fig. B6 presents the ratio of advection time to heating time
in the gain region. The advection time is calculated by tadv =
〈Rs〉−〈Rg〉
〈vr〉
(e.g., Marek & Janka 2009), where 〈Rs〉 is the aver-
age radius of the shock, 〈Rg〉 is the average inner radius of the
gain region (where material is heated by neutrinos), and 〈vr〉 is the
mass-weighted average radial velocity in the gain region. The heat-
ing time is simply the ratio of the total internal energy to the net
neutrino heating rate (e.g., Ferna´ndez 2012). This ratio shows the
effect of hydrodynamic motion on the neutrino heating, and here
the greatest discrepancy is seen between the coarsest simulation
and the more refined simulations.
Simulations of the rapidly rotating progenitor proved much
more difficult than those of the slowly rotating progenitor. For the
nominal simulation, the time step had to be limited by a factor
of 0.1 relative to the Courant-Friedrichs-Lewy (CFL) condition to
Figure B1. Entropy colour maps in the xy plane, where y is the axis of
rotation, at tpb = 323 ms for the simulation of the slowly rotating progen-
itor with finest resolutions of ∆x ≃ 1.95 km (top) and ∆x ≃ 0.98 km
(bottom). Entropy is shown in units of kB per nucleon.
avoid numerical non-convergence, whereas for the slow rotator a
CFL factor of 0.5 was applied throughout. Moreover, the refined
simulations of the rapidly rotating progenitor all terminated around
tpb ≈ 60 ms due to numerical problems, even with a CFL factor
of 0.1. Up to this time, the PNS parameters evolve similarly for all
resolutions. It is expected that as for the slow rotator, here as well
the PNS will be insensitive to resolution, while the high-entropy
region surrounding it will be affected.
REFERENCES
Angus C. R., Levan A. J., Perley D. A., Tanvir N. R., Lyman J. D., Stanway
E. R., Fruchter A. S., 2016, MNRAS, 458, 84
MNRAS 000, 1–11 (2017)
10 A. Gilkis
0 50 100 150 200 250 300
tpb [ms]
0
150
350
700
1500
R
s
[k
m
]
1.95 km
1.46 km
1.17 km
0.98 km
Figure B2. Shock radius calculated from the volume contained within the
surface on which the entropy per nucleon is 6kB, as function of time after
core bounce for simulations with different finest resolutions.
0 100 200 300
tpb [ms]
0
20
40
60
80
100
120
|v
|
[k
m
s−
1
]
1.95 km
1.46 km
1.17 km
0.98 km
Figure B3. Magnitude of the average velocity of the PNS for the slowly
rotating progenitor, for simulations with different finest resolutions.
Blondin J. M., Mezzacappa A., 2007, Nature, 445, 58
Blondin J. M., Mezzacappa A., DeMarino C., 2003, ApJ, 584, 971
Bray J. C., Eldridge J. J., 2016, MNRAS, 461, 3747
Camelio G., Gualtieri L., Pons J. A., Ferrari V., 2016, Phys. Rev. D, 94,
024008
Cantiello M., Yoon S. C., Langer N., Livio M., 2007, A&A, 465, L29
Chatzopoulos E., Wheeler J. C., 2012, ApJ, 760, 154
Chatzopoulos E., Wheeler J. C., Vinko J., Nagy A. P., Wiggins B. K., Even
W. P., 2016, ApJ, 828 94
Chen K. J., Woosley S. E., Sukhbold, T., 2016, ApJ, 832, 73
Couch S. M., O’Connor E. P., 2014, ApJ, 785, 123
Couch S. M., Graziani C., Flocke N., 2013, ApJ, 778, 181
de Mink S. E., Langer N., Izzard R. G., Sana H., de Koter A., 2013, ApJ,
764, 166
Dexter J., Kasen D., 2013, ApJ, 772, 30
Dong S. et al., 2016, Science, 351, 257
Drout M. R. et al., 2011, ApJ, 741, 97
Ferna´ndez R., 2010, ApJ, 725, 1563
Ferna´ndez R., 2012, ApJ, 749, 142
Fryer C. L., Heger A., 2005, ApJ, 623, 302
Fryxell B. et al., 2000, ApJS, 131, 273
Gal-Yam A., 2012, Science, 337, 927
Galama T. J. et al., 1998, Nature, 395, 670
Gilkis A., Soker N., Papish O., 2016, ApJ, 826, 178
Goriely S., Bauswein A., Janka H.-T., 2011, ApJ, 738, L32
Hayama K., Kuroda T., Nakamura K., Yamada S., 2016, Phys. Rev. Lett.,
116, 1102
Heger A., Woosley S. E., Spruit H. C., 2005, ApJ, 626, 350
Hotokezaka K., Piran T., Paul M., 2015, Nature Physics, 11, 1042
Inserra C. et al., 2013, ApJ, 770, 128
Inserra C., Bulla M., Sim S. A., Smartt S. J., 2016, ApJ, 831, 79
Iwakami W., Kotake K., Ohnishi N., Yamada S., Sawada K., 2009, ApJ,
700, 232
Izzard R. G., Ramirez-Ruiz E., Tout C. A., 2004, MNRAS, 348, 1215
Janka H.-T., 2012, Annu. Rev. Nucl. Part. Sci., 62, 407
Janka H.-T., 2013, MNRAS, 434, 1355
Janka H.-T., Melson T., Summa A., 2016, Annu. Rev. Nucl. Part. Sci., 66,
341
Ji A. P., Frebel A., Chiti A., Simon J. D., 2016, Nature, 531, 610
Kasen D., Bildsten L., 2010, ApJ, 717, 245
Kasen D., Woosley S. E., 2009, ApJ, 703, 2205
Kasen D., Metzger B. D., Bildsten L., 2016, ApJ, 821, 36
Kohri K., Narayan R., Piran T., 2005, ApJ, 629, 341
Kuroda T., Takiwaki T., Kotake K., 2014, Phys. Rev. D, 89, 044011
Kuroda T., Takiwaki T., Kotake K., 2016, ApJS, 222, 20
Langer N., 2012, ARA&A, 50, 107
Lattimer J. M., Swesty F. D., 1991, NuPhA, 535, 331
Leloudas G. et al., 2015, MNRAS, 449, 917
Lentz E. J., Mezzacappa A., Messer O. E. B., Hix W. R., Bruenn S. W.,
2012, ApJ, 760, 94
Lentz E. J. et al., 2015, ApJ, 807, L31
Liebendo¨rfer M., 2005, ApJ, 633, 1042
Lunnan R. et al., 2014, ApJ, 787, 138
Mandel I., 2016, MNRAS, 456, 578
Mandel I., de Mink S. E., 2016, MNRAS, 458, 2634
Marek A., Janka H.-T., 2009, ApJ, 694, 664
Martins F., Depagne E., Russeil D., Mahy L., 2013, A&A, 554, 23
Masada Y., Takiwaki T., Kotake K., 2015, ApJ, 798, L22
Mcley L., Soker N., 2014, MNRAS, 445, 2492
Melson T., Janka H.-T., Marek A., 2015, ApJ, 801, L24
Metzger B. D., Margalit B., Kasen D., Quataert E., 2015, MNRAS, 454,
3311
Meynet G., Maeder A., 2000, A&A, 361, 101
Milosavljevic´ M., Lindner C. C., Shen R., Kumar P., 2012, ApJ, 744, 103
Modjaz M. et al., 2008, AJ, 135, 1136
Mo¨sta P. et al., 2014, ApJ, 785, L29
Mo¨sta P., Ott C. D., Radice D., Roberts L. F., Schnetter E., Haas R., 2015,
Nature, 528, 376
Moriya T. J., Tauris T. M., 2016, MNRAS, 460, L55
Mu¨ller B., 2016, Publ. Astron. Soc. Australia, 33, 48
Nakamura K., Kuroda T., Takiwaki T., Kotake K., 2014, ApJ, 793, 45
Nishimura N., Takiwaki T., Thielemann F.-K., 2015, ApJ, 810, 109
Nishimura N., Sawai H., Takiwaki T., Yamada S., Thielemann F.-K., 2017,
ApJ, 836, L21
Nugis T., Lamers H. J. G. L. M., 2000, A&A, 360, 227
O’Connor E., Ott C. D., 2010, Class. Quantum Grav., 27, 11410
Ofek E. O. et al., 2007, ApJ, 659, L13
Ouyed R., Leahy D., Koning, N., 2015, MNRAS, 454, 2353
Ouyed R., Leahy D., Koning, N., 2016, ApJ, 818, 77
Ott C. D., Dimmelmeier H., Marek A., Janka H.-T., Hawke I., Zink B.,
Schnetter E. 2007, Phys. Rev. Lett., 98, 261101
Ott C. D. et al., 2013, ApJ, 768, 115
Papish O., Soker N., Bukay I., 2015, MNRAS, 449, 288
Paxton B. et al., 2011, ApJS, 192, 3
Paxton B. et al., 2013, ApJS, 208, 4
Paxton B. et al., 2015, ApJS, 220, 15
Podsiadlowski P., Mazzali P. A., Nomoto K., Lazzati D., Cappellaro E.,
2004, ApJ, 607, L17
Prajs S. et al., 2017, MNRAS, 464, 3568
Quataert E., Shiode J., 2012, MNRAS, 423, L92
MNRAS 000, 1–11 (2017)
Core collapse of rotating massive star 11
0 50 100 150 200 250 300
tpb [ms]
0.5
1
1.5
2
2.5
M
P
N
S
[M
⊙
]
1.95 km
1.46 km
1.17 km
0.98 km
0 50 100 150 200 250 300
tpb [ms]
0
0.01
0.02
0.03
0.04
0.05
E
ro
t
[f
o
e]
1.95 km
1.46 km
1.17 km
0.98 km
0 50 100 150 200 250 300
tpb [ms]
40
50
60
70
80
90
100
R
P
N
S
[k
m
]
1.95 km
1.46 km
1.17 km
0.98 km
0 50 100 150 200 250 300
tpb [ms]
0
100
200
300
400
500
P
[m
s]
1.95 km
1.46 km
1.17 km
0.98 km
Figure B4. Top-left: Baryonic PNS mass as function of time after core bounce for the slowly rotating progenitor, for simulations with different finest resolu-
tions. Top-right: Rotational kinetic energy of the PNS. Bottom-left: PNS effective radius. Bottom-right: PNS spin period.
Quimby R. M. et al., 2011, Nature, 474, 487
Quimby R. M., Yuan F., Akerlof C., Wheeler J. C., 2013, MNRAS, 431,
912
Rembiasz T., Guilet J., Obergaulinger M., Cerda´-Dura´n P., Aloy M. A.,
Mu¨ller E., 2016, MNRAS, 460, 3316
Repetto S., Nelemans G., 2015, MNRAS, 453, 3341
Repetto S., Davies M. B., Sigurdsson S., 2012, MNRAS, 425, 2799
Rest A. et al., 2011, ApJ, 729, 88
Roberts L. F., Ott C. D., Haas R., O’Connor E. P., Diener P., Schnetter E.,
2016, ApJ, 831, 98
Sanders N. E. et al., 2012, ApJ, 756, 184
Sawai H., Yamada S., Suzuki H., 2013, ApJ, 770, L19
Shiode J. H., Quataert E., 2014, ApJ, 780, 96
Soker N., 2016, NewA, 47, 88
Soker N., Gilkis A., 2017, MNRAS, 464, 3249
Song H. F., Meynet G., Maeder A., Ekstro¨m S., Eggenberger P., 2016,
A&A, 585, 120
Spruit H. C., 2002, A&A, 381, 923
Sukhbold T., Woosley S. E., 2016, ApJ, 820, L38
Takiwaki T., Kotake K., Suwa Y., 2016, MNRAS, 461, L112
Thielemann F.-K. et al., 2011, PrPNP, 66, 346
Turk M. J., Smith B. D., Oishi J. S., Skory S., Skillman S. W., Abel T.,
Norman M. L., 2011, ApJS, 192, 9
Vink J. S., de Koter A., Lamers H. J. G. L. M., 2001, A&A, 369, 574
Wehmeyer B., Pignatari M., Thielemann F.-K., 2015, MNRAS, 452, 1970
Winteler C., Ka¨ppeli R., Perego A., Arcones A., Vasset N., Nishimura N.,
Liebendo¨rfer M., Thielemann F.-K., 2012, ApJ, 750, L22
Woosley S. E., 1993, ApJ, 405, 273
Woosley S. E., Bloom J. S., 2006, ARA&A, 44, 507
Woosley S. E., Heger A., 2006, ApJ, 637, 914
Wu M.-R., Ferna´ndez R., Martı´nez-Pinedo G., Metzger B. D., 2016, MN-
RAS, 463, 2323
Yoon S.-C., Langer N., 2005, A&A, 443, 643
Yoon S.-C., Langer N., Norman C., 2010, A&A, 460, 199
Yoon S.-C., Woosley S. E., Langer N., 2010, ApJ, 725, 940
Yu Y.-W., Zhu J.P., Li S.-Z., Lu¨ H.-J., Zou Y.-C., 2017, ApJ, 840, 12
MNRAS 000, 1–11 (2017)
12 A. Gilkis
0 100 200 300
tpb [ms]
0
50
100
150
200
250
300
350
L
[f
o
e
s−
1
]
νe (1.95 km)
ν¯e (1.95 km)
νx (1.95 km)
νe (1.46 km)
ν¯e (1.46 km)
νx (1.46 km)
νe (1.17 km)
ν¯e (1.17 km)
νx (1.17 km)
νe (0.98 km)
ν¯e (0.98 km)
νx (0.98 km)
0 100 200 300
tpb [ms]
0
10
20
30
40
〈ǫ
ν
〉
[M
ev
]
νe (1.95 km)
ν¯e (1.95 km)
νx (1.95 km)
νe (1.46 km)
ν¯e (1.46 km)
νx (1.46 km)
νe (1.17 km)
ν¯e (1.17 km)
νx (1.17 km)
νe (0.98 km)
ν¯e (0.98 km)
νx (0.98 km)
Figure B5. Top: Luminosity of the neutrino luminosity for each neutrino
species as function of time after core bounce for the slowly rotating pro-
genitor, for simulations with different finest resolutions. Bottom: Average
neutrino energy in the simulations.
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Figure B6. Ratio of the advection time to the heating time in the gain region
as function of time after core bounce for the slowly rotating progenitor, for
simulations with different finest resolutions.
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